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ABSTRACT
Supermassive black holes (BH) accrete gas from their surroundings and coalesce with
companions during galaxy mergers, and both processes change the BH mass and spin.
By means of high-resolution hydrodynamical simulations of galaxies, either idealised
or embedded within the cosmic web, we explore the effects of interstellar gas dynamics
and external perturbations on BH spin evolution. All these physical quantities were
evolved on-the-fly in a self-consistent manner. We use a ‘maximal’ model to describe
the turbulence induced by stellar feedback to highlight its impact on the angular mo-
mentum of the gas accreted by the BH. Periods of intense star formation are followed
by phases where stellar feedback drives large-scale outflows and hot bubbles. We find
that BH accretion is synchronised with star formation, as only when gas is cold and
dense do both processes take place. During such periods, gas motion is dominated
by consistent rotation. On the other hand, when stellar feedback becomes substan-
tial, turbulent motion randomises gas angular momentum. However BH accretion is
strongly suppressed in that case, as cold and dense gas is lacking. In our cosmological
simulation, at very early times (z > 6), the galactic disc has not yet settled and no
preferred direction exists for the angular momentum of the accreted gas, so the BH
spin remains low. As the gas settles into a disc (6 > z > 3), the BH spin then rapidly
reaches its maximal value. At lower redshifts (z < 3), even when galaxy mergers flip
the direction of the angular momentum of the accreted gas, causing it to counter-
rotate, the BH spin magnitude only decreases modestly and temporarily. Should this
be a typical evolution scenario for BH, it potentially has dramatic consequences re-
garding their origin and assembly, as accretion on maximally spinning BH embedded
in thin Shakura-Sunyaev disc is significantly reduced.
Key words: galaxies: ISM — galaxies: active — quasars: supermassive black holes
— galaxies: high-redshift — methods: numerical
1 INTRODUCTION
Supermassive black holes (BH) are compact objects com-
monly observed in the centre of galaxies. They are sus-
pected to grow along with their host galaxies as obser-
vations suggest a strong scaling between BH masses and
galaxy properties (Magorrian et al. 1998; Tremaine et al.
2002; Ha¨ring & Rix 2004). Gas accretion, as opposed to
⋆ E-mail: dubois@iap.fr
mergers, drives most of the mass growth of black holes
at high-redshift (Yu & Tremaine 2002; Marconi et al. 2004;
Malbon et al. 2007; Shankar et al. 2009; Volonteri & Ciotti
2013; Dubois et al. 2013; Kulier et al. 2013) either through
direct accretion of cosmic filamentary gas or of star-
forming clumps (Bournaud et al. 2011; Di Matteo et al.
2012; Dubois et al. 2012, 2013; Bellovary et al. 2013;
Feng et al. 2013). This mechanism converts a fraction
of the accreted rest-mass energy into effective feedback
for the host galaxy, which in turn can explain the ob-
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served scaling relation between black holes and galax-
ies (Silk & Rees 1998; King 2003; Wyithe & Loeb 2003).
Such a behaviour has been successfully implemented in
modern cosmological simulations, and the impact of ac-
tive galactic nucleus (AGN) feedback on galaxy properties
can be dramatic (Di Matteo et al. 2005; Croton et al. 2006;
Bower et al. 2006; Sijacki et al. 2007; Booth & Schaye 2009;
Dubois et al. 2010; Teyssier et al. 2011; Dubois et al. 2012).
In thin accretion discs (e.g., Shakura & Sunyaev 1973),
the radiative efficiency, i.e., the fraction of energy released
and radiated during accretion events on to central BHs can
be related directly to the spin magnitude, via the poten-
tial energy, Eisco, of a particle on the innermost stable or-
bit: ǫr = 1 − Eisco = 1 −
√
1− 2/(3risco). Since the last
stable orbit, risco, is closer in for BHs with high spin, coro-
tating with the accretion disc, they liberate more energy
than non-spinning or counter-rotating BHs at fixed accre-
tion rate. Therefore, the magnitude and relative orientation
of BH spins has a direct consequence on the mass growth,
as the maximum rate at which BHs accrete, the Edding-
ton limit, is inversely proportional to radiative efficiency of
the accretion process: highly spinning BHs grow more slowly
than BHs with lower spin values. Consequently, the rate at
which the high-redshift BHs are able to gain their mass as
observed above z > 6 (Fan & et al., 2006; Jiang & et al.,
2009; Mortlock & et al., 2011; Johnson et al. 2013) under-
scores the need to jointly study BH mass and spin evolution.
The current measurements of spins through X-ray spec-
troscopy still have large uncertainties or controversial mea-
surements (see the recent review by Reynolds 2013, and ref-
erences therein) due to degeneracies in the underlying mod-
els that try to reproduce the observed spectral energy distri-
bution of AGN. Therefore, theoretical models and numerical
simulations could provide powerful tools for predicting spin
values and interpreting the data more precisely. Theoretical
models (Moderski & Sikora 1996a,b; Moderski et al. 1998)
forecast that BH spin grows to large values if the angular
momentum (AM) of the accreted material onto the BH is
aligned with that of the BH or has some level of coherency.
A completely random distribution of the accreted gas AM
is needed to drive BH spins towards zero (King et al. 2008;
Dotti et al. 2013). In this paper, we take advantage of iso-
lated galaxy simulations and a direct cosmological simula-
tion performed at high spatial and mass resolution to study
the effect of turbulence in the interstellar medium (ISM)
on the distribution of gas AM. More specifically, we investi-
gate whether the motion of interstellar gas reaches a chaotic
state such that the gas AM reorientates on a short time-scale
(shorter than a Salpeter time-scale).
Some recent numerical work have been undertaken by
different authors that led to divergent results: Maio et al.
(2013) use gadget (Springel 2005) to run simulations
at very high spatial resolution, and follow star formation
and supernova (SN) feedback (but not BH feedback) self-
consistently down to sub-pc scale, but adopt an idealised
set-up, i.e. a massive circumnuclear disc within an exter-
nal bulge potential. They find that, independently of reso-
lution and feedback prescriptions, the gas that feeds the BH
has a net AM aligned with that of the circumnuclear disc,
despite the high level of turbulence induced by motions of
gas clumps and stellar feedback. Conversely, Hopkins et al.
(2012) use a series of nested simulations run with gad-
get to track the AM of gas flowing from kpc to pc scales.
They start from representative examples of gas-rich mergers
and isolated, moderately bar-unstable disc simulations, and
through a series of resimulations, reach a resolution limit
of 0.1 pc. While they do not explicitly model stellar or BH
feedback but use an effective equation of state instead, the
advantage of their strategy is that the large-scale torques
due to galaxy mergers and bar instabilities are taken into
account. In these simulations ,they often find misalignments
between the inner 1 pc gas AM and that at large scales (even
though they do not follow the spin evolution of a central BH)
resulting from a galaxy merger.
This paper is part of a series of three papers in-
vestigating the connection between SN feedback and BH
growth (Dubois et al., in prep., paper I), SN-driven gas
turbulence and BH spin evolution, (this paper, paper II),
and the impact of galaxy evolution on the spin of a cosmo-
logically representative sample of central BH (Dubois et al.
2013, paper III). The main purpose here is to investigate the
spin (and mass) evolution of a central BH in high-resolution
hydrodynamical simulations, including a cosmological run.
This allows one to assess, albeit in a specific case, the influ-
ence of galaxy mergers and simultaneously probe how gas
on galaxy scales connects to the inner region surrounding
the BH. The simulations have enough resolution, 10 pc, to
start resolving the substructures of the ISM over several ro-
tation periods of the galactic disc (∼ 50 − 100Myr in our
simulations). Moreover, we use the recent non-thermal SN
feedback prescription from Teyssier et al. (2013) which helps
to expel the dense cold gas from the galaxy and maximise
the level of gas turbulence present in the galaxy. The idea
behind such a numerical set-up is to provide as low a level
of coherence in the AM flowing to the BH as possible.
In Section 2 we introduce the initial conditions and the
numerical models for the physics of galaxy formation, BH
mass growth and its associated AGN feedback. In Section 3
we provide a detailed description as to how BH spin evolves
in our simulations, which depends on gas accretion and BH-
BH mergers. In Section 4 we detail our results for the evo-
lution of BH spin in an isolated galaxy and for a BH with
similar mass embedded within its cosmological environment.
Finally, in Section 6 we discuss our results.
2 NUMERICAL SET-UP
The simulations are run with the Adaptive Mesh Refinement
code ramses (Teyssier 2002). The evolution of the gas is fol-
lowed using a second-order unsplit Godunov scheme for the
Euler equations. The HLLC Riemann solver with a first-
order MinMod Total Variation Diminishing scheme to re-
construct the interpolated variables from their cell-centered
values is used to compute fluxes at cell interfaces. Collision-
less particles (DM, star and BH particles) are evolved using
a particle-mesh solver with a Cloud-In-Cell interpolation.
2.1 Isolated galaxy
For the isolated galaxy run, the gas is initially set in hydro-
static equilibrium within a live NFW (Navarro et al. 1997)
dark matter (DM) halo with a concentration parameter
c = 3.5. The total mass of gas plus DM is Mvir = 10
12M⊙.
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The gas fraction is 15 per cent, and the gas has some initial
AM with a total spin parameter of 0.04, slightly lower but
consistent with the average spin parameter of cosmological
dark matter halos (Bullock et al. 2001). When the simula-
tion starts, the gas loses its internal pressure support due to
gas cooling and a centrifugally supported disc settles in the
centre of the gravitational potential well.
The mass of a DM particle is MDM,res = 1.7 × 10
6M⊙,
and the minimum grid cell size is of ∆x = 9pc. A central
BH is inserted after 60 Myr, when the gas density has be-
come sufficiently high to start forming stars, with an initial
seed mass of 104M⊙. A resolution study is presented in Ap-
pendix A.
2.2 Cosmological galaxy
We assume a ΛCDM cosmology with total matter density
Ωm = 0.3, baryon density Ωb = 0.045, dark energy den-
sity ΩΛ = 0.7, amplitude of the matter power spectrum
σ8 = 0.8285, ns = 0.9635 spectral index and Hubble con-
stant H0 = 68.14 kms
−1Mpc−1 consistent with the Planck
data (Planck Collaboration et al. 2013) for the initial con-
ditions produced with music (Hahn & Abel 2011). The box
size of our simulation is Lbox = 50 h
−1Mpc, with a coarse
grid of 2563 DM particles corresponding to a DM mass res-
olution of Mres,coarse = 8 × 10
8M⊙. A high-resolution re-
gion is defined around a halo of Mvir = 10
12M⊙ at z = 2
that contains only high-resolution DM particles within 2 rvir
(rvir = 100 kpc) with mass Mres,high = 2× 10
5M⊙.
The mesh is refined up to ∆x = 8.7 pc (maximum level
of refinement equals 21 at redshift z = 3) using a quasi-
Lagrangian strategy: we refine when the mass in a cell be-
comes larger than 8 times the mass of our high resolution
DM particles. The minimum cell size is kept roughly con-
stant in physical size with redshift, i.e. an additional level of
refinement is added every aexp = n×0.1 (where n = 1, 2, 4, 8
and aexp is the expansion factor of the universe) up to level
21 at aexp = 0.33. The BH seed mass used in the cosmologi-
cal simulation is larger than for the isolated runs, at 105M⊙.
Such a high spatial resolution for a cosmological zoomed
halo evolved over several billion years places this simula-
tion amongst the most resolved state-of-the hydrodynam-
ical cosmological simulations, including complex sub-grid
processes, to date (e.g. Bellovary et al. 2013; Ceverino et al.
2013; Rosˇkar et al. 2013; Hopkins et al. 2013, for compari-
son). We call this simulation and its various flavours (reso-
lution, physics) the Seth simulation suite1.
2.3 Physics of galaxy formation
Gas is allowed to cool by H and He cooling with a contribu-
tion from metals using a Sutherland & Dopita (1993) model
for temperatures above T0 = 10
3 K, which is the minimum
temperature we allow the gas to reach through radiative
losses. Heating from a uniform UV background takes place
1 The name is a reference to the Egyptian god of desert, storms,
disorder and violence. It is also a reference to the code employed
for the simulations, ramses, and suite of simulations with similar
(as well as much higher) resolution performed for a lower mass
galaxy at high redshift, the Nut suite (Powell et al. 2011).
after redshift zreion = 10 following Haardt & Madau (1996).
Metallicity is modelled as a passive variable for the gas ad-
vected with the flow (whose composition is assumed to be
solar) and is altered by gas ejecta from SN explosions and
stellar winds. We assume a zero initial metallicity. The gas
follows the equation of state (EoS) of an ideal monoatomic
gas P = (γ−1)e, to relate the gas pressure P to the internal
energy density e, with γ = 5/3.
The star formation process is modelled with a Schmidt
law: ρ˙∗ = ǫ∗ρ/tff , where ρ˙∗ is the star formation rate den-
sity, ǫ∗ the constant star formation efficiency, and tff the
local free-fall time of the gas. We choose a low star for-
mation efficiency ǫ∗ = 0.02 consistent with observations of
giant molecular clouds (Krumholz & Tan 2007) and surface
density relations of galaxies (Kennicutt 1998). Star forma-
tion is allowed in regions exceeding a gas density threshold
of n0 = 250Hcm
−3 and for gas with a temperature given
by the polytropic EoS described below. The minimum mass
of a star particle is ms,res = n0∆x
3 ≃ 4 × 103M⊙ at our
spatial resolution ∆x = 9 pc. The gas pressure is artifi-
cially enhanced above ρ > ρ0 assuming a polytropic EoS
T = T0(ρ/ρ0)
κ−1 with polytropic index κ = 2 to avoid
spurious gas fragmentation: we always resolve the Jeans
length with at least four cells. Feedback from massive stars is
taken into account assuming a Salpeter initial mass function
with ηSN = 0.1 of the mass fraction of stars ending up as
type II SN and releasing 1050 ergM−1⊙ . We use the feedback
model introduced in (Teyssier et al. 2013, similar in spirit to
the delayed cooling prescription from Stinson et al. 2006),
where energy is released both as a thermal component and
a tracer,“non-thermal” component, which is passively ad-
vected with the flow. This passive non-thermal energy de-
cays on a typical time-scale of tdiss = 0.8 Myr, and gas cool-
ing is prevented until the velocity dispersion associated with
this non-thermal energy component becomes larger than
σNT = 50 km.s
−1. The values of tdiss and σNT are obtained
by imposing that tdiss = λJ/σNT, where λJ = 4 × ∆x is
the resolved Jeans length. In isolated dwarf galaxies, this
numerical implementation of SN feedback allows for the de-
struction of cold dense star-forming clouds, and for an effi-
cient driving of large-scale galactic winds and turbulence in
the ISM as shown in Teyssier et al. (2013).
An alternative modelling of SN feedback (which drives
large-scale winds but does not manage to destroy completely
the cold clumps of gas) through kinetic Sedov blast wave ex-
plosions (Dubois & Teyssier 2008) and its impact on the BH
spin evolution is presented in the Appendix B. Its relative
impact on the BH growth compared to the reference case is
the topic of Paper I.
2.4 Model for BH growth and AGN feedback
We use the same “canonical” BH model employed
in Dubois et al. (2012). BH are created at loci where gas
density is larger than the density threshold for star forma-
tion ρ0 with an initial seed mass of 10
4 or 105M⊙ (respec-
tively for the isolated and the cosmological simulations).
In order to avoid the formation of multiple BHs in the
same galaxy, they are not allowed to form at distances
smaller than 50 kpc (comoving) from any other BH parti-
cle. The accretion rate onto BH follows the Bondi-Hoyle-
Lyttleton (Bondi 1952) rate M˙BH = 4παG
2M2BHρ¯/(c¯
2
s +
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u¯2)3/2, where MBH is the BH mass, ρ¯ is the average gas
density, c¯s is the average sound speed, u¯ is the average gas
velocity relative to the BH velocity, and α is a dimensionless
boost factor with α = (ρ/ρ0)
2 when ρ > ρ0 and α = 1 oth-
erwise (Booth & Schaye 2009) in order to account for our
inability to capture the colder and higher density regions of
the ISM which are suppressed by the presence of the poly-
tropic EoS. The effective accretion rate onto BH is capped at
the Eddington accretion rate: M˙Edd = 4πGMBHmp/(ǫrσTc),
where σT is the Thompson cross-section, c is the speed of
light, mp is the proton mass, and ǫr is the radiative effi-
ciency, assumed to be proportional to the spin of the BH
with ǫr = 1− Eisco = 1−
√
1− 2/(3risco).
In order to avoid spurious oscillations of the BH in the
gravitational potential well due to external perturbations
and finite resolution effects, we introduce a drag force that
mimics the dynamical friction exerted by the gas onto a
massive particle. This dynamical friction is proportional to
FDF = fgas4παρ(GMBH/c¯s)
2, where fgas is a fudge factor
whose value is between 0 and 2 and is a function of the
mach number M = u¯/c¯s < 1 (Ostriker 1999; Chapon et al.
2013), and where we introduce the boost factor α for reasons
previously stated.
Two BH are allowed to merge when the distance sep-
arating the two particles is smaller than 4 × ∆x and when
their relative velocity is smaller than the escape velocity of
the binary.
The AGN feedback is a combination of two differ-
ent modes, the so-called radio mode operating when χ =
M˙BH/M˙Edd < 0.01 and the quasar mode active otherwise.
The quasar mode corresponds to an isotropic injection of
thermal energy into the gas within a sphere of radius ∆x,
with an energy deposition rate: E˙AGN = ǫfǫrM˙BHc
2, where
ǫf = 0.15 is a free parameter chosen to reproduce the MBH-
Mb, MBH-σb, and BH density in our local Universe (see
Dubois et al. 2012). At low accretion rates, on the other
hand, the radio mode deposits the AGN feedback energy
into a bipolar outflow with a jet velocity of 104 km.s−1 into
a cylinder with a cross-section of radius ∆x and height 2∆x
following Omma et al. (2004) (more details about the jet im-
plementation are given in Dubois et al. 2010). The efficiency
of the radio mode is larger with ǫf = 1.
3 MODEL OF BH SPIN EVOLUTION
3.1 Gas accretion
The magnitude of BH spins is allowed to change by accretion
of gas through the following expression (Bardeen 1970):
an+1 =
1
3
r
1/2
isco
Mratio
[
4−
(
3
risco
M2ratio
− 2
)1/2]
, (1)
whereMratio =M
n+1
BH /M
n
BH, the n superscript stands for the
values at time tn, and Risco is the radius of the innermost
stable circular orbit (ISCO) defined as (in reduced units):
risco = Risco/Rg = 3+Z2± [(3−Z1)(3+Z1+2Z2)]
1/2 , (2)
where the gravitational radius Rg is defined as half of the
Schwarzschild radius of the BH, RBH, and Z1 and Z2 are:
Z1 = 1 + (1− a
2)1/3[(1 + a)1/3 + (1− a)1/3] , (3)
Z2 = (3a
2 + Z21 )
1/2 . (4)
For spins co-rotating with their accretion disc, 1 6 risco < 6,
while for spins counter-rotating with their accretion disc,
6 < risco 6 9, and risco = 6 for non-spinning BH.
Equation 1, governing the evolution of the BH spin mag-
nitude through direct accretion of gas, assumes that BH
spin and disc AM are perfectly aligned (or anti-aligned),
so that the direction of the angular momentum vector does
not change, but only its magnitude. In the most general
case, however, misalignments occur. In this case, the accre-
tion disc experiences a torque due to the Lense-Thirring ef-
fect that causes the accretion disc to precess about the spin
axis of the BH. For large enough viscosities the innermost
parts of the disc are forced to rotate within the equatorial
plane of the BH and a warped disc is created. The result
of the Lense-Thirring precession is that the BH and disc
AM end up being aligned or anti-aligned with the total AM.
We can define the total AM of the system {disc+BH} as
Jtot = Jd + JBH. The values of the angle θ between JBH
and Jd are between −1 6 cos θ 6 1 where the two extrema
correspond to anti-aligned and aligned cases respectively.
As shown by King et al. (2005) the alignment process can be
understood as a simple vectorial sum: since Jtot = Jd+JBH,
the final configuration is either aligned with Jd or JBH de-
pending on whether the former or the latter dominates the
sum, therefore, effectively, both the direction of the BH spin
and the disc AM evolve towards the equilibrium configu-
ration. Whether the BH mostly (anti)aligns with the disc
AM or vice-versa depends therefore on the relative magni-
tude of the two vectors, and on the initial configuration.
The case for anti-alignment of the BH with the disc requires
that (King et al. 2005):
cos θ < −
Jd
2JBH
, (5)
thus, for cos θ > 0, they always align, while for cos θ < 0,
they eventually anti-align if the ratio Jd/JBH is sufficiently
small compared to cos θ.
In summary, we use Equation 5 to decide whether the
inner parts of the accretion disc are co- ou counter-rotating
with the BH, we then use Equation 1 to update the spin
magnitude, and the vectorial sum J tot = Jd+JBH to obtain
the new direction of the BH AM.
One difficulty we experience is in accessing the magni-
tude of Jd as we cannot resolve the accretion disc in our sim-
ulations. We therefore assume the tilted solution for a thin
accretion disc (Shakura & Sunyaev 1973; Scheuer & Feiler
1996a; Natarajan & Pringle 1998; Perego et al. 2009), char-
acterized by a viscosity ν1 = αtc
2
s/(GMBH/r
3)1/2, where αt
is a parameter < 1, and cs is the sound speed. In a mis-
aligned disc under the effect of Lense-Thirring precession
a natural scale is the warp radius, that marks the tran-
sition between an equatorial inner disc and a misaligned
outer disc: the direction of the AM of the inflowing mate-
rial changes direction as it passes through the warp. Only
material within the warp radius can effectively transfer its
AM to the BH (Volonteri et al. 2007). This is the relevant
scale to estimate whether alignment or anti-alignment oc-
cur. In a Shakura & Sunyaev (1973) thin accretion disc, one
can write the ratio of the warp to Schwarzschild radius as:
Rwarp
RBH
≃ 6.4 × 103a5/8M
1/8
BH,8
(
ǫr,01
χ
)1/4 (
ν2
ν1
)−5/8
α
−1/2
t,01 ,
(6)
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where ǫr,01 is the radiative efficiency normalised to 0.1, ν1
and ν2 are the kinematic viscosities horizontal and perpen-
dicular to the equatorial plane of the disc: ν2 is the viscosity
responsible the warp propagation, while ν1 is the viscosity
responsible for driving accretion and transferring AM. We
choose a value for αt,01 ≡ αt/0.1 = 1 (King et al. 2007), and
the ratio of ν2/ν1 = 2(1 + 7αt)/(4 + α
2
t )/α
2
t is of the form
given by Ogilvie (1999) (equation 145). With these choices,
(ν2/ν1) ∼ 85 (note that for small αt, ν2 ∼ ν1/α
2
t ) and:
Rwarp
RBH
≃ 4×102a5/8M
1/8
BH,8
(
ǫr,01
χ
)1/4(
ν2/ν1
85
)−5/8
α
−1/2
t,01 .
(7)
The BH AM is simply JBH = aM
3/2
BH R
1/2
BH , and the disc
AM can now be expressed as Jd ∼ Md(Rwarp)M
1/2
BH R
1/2
warp.
The disc mass within Rwarp is Md(Rwarp) = M˙tν1(Rwarp)
where tν1 is the viscous timescale for radial propagation:
tν1 = 5.3× 10
5a7/8M
11/8
BH,8
(
ǫr,01
χ
)3/4 (
ν2
ν1
)−7/8
α
−3/2
t yr
(8)
∼ 3.4× 105a7/8M
11/8
BH,8
(
ǫr,01
χ
)3/4 (
ν2/ν1
85
)−7/8
α
−3/2
t,01 yr.
The ratio of disc to BH AM can then be written as:
Jd
2JBH
≃
Md(Rwarp)
aMBH
(
Rwarp
RBH
)1/2
(9)
∼ 6.8× 10−2
(
χ
ǫr,01
)1/8
M
23/16
BH,8 a
3/16α
−7/4
t,01
(
ν2/ν1
85
)−19/16
.
Equation (9) allows one to evaluate if anti-alignment occurs,
and provides a value for the magnitude of Jd. We refer the
reader to Dotti et al. (2013) for a detailed discussion of how
the ratio Jd/JBH determines the behaviour of alignment and
spin evolution.
For the direction of Jd, we assume that the accretion
disc is aligned with the gas AM, Jg, measured in the sur-
roundings of the BHs as extracted directly in the simula-
tion (on ∆x = 10pc scale). We update the orientation of
the BH AM after one accretion event of ∆t = tν1 with
Jn+1BH = J tot = J
n
BH + J
n
d j
n
g for the alignment case, where
the small j stands for AM unit vectors, and where Jnd is
provided by equation (9). If the criterion for anti-alignment
is met, Jn+1BH becomes −J tot if J tot.J
n
BH > 0, this occurs
when the total AM dominated by the BH (case b in Fig. 1
of King et al. 2005). Otherwise, if the anti-alignment con-
dition is satisfied and Jtot.J
n
BH < 0, then the total AM is
dominated by the disc and it is anti-aligned with respect to
that of the BH, therefore Jn+1BH = Jtot (case d in Fig. 1 of
King et al. 2005). Since each timestep ∆t = tν1 is defined
as the time needed for viscosity to transport in the radial
direction the material within the warp, this corresponds to
the time needed to “swallow” this part of the accretion disc.
For sufficiently large accretion rates, accretion discs can
become unstable against their own gravity and fragment into
gas clumps (e.g. Kolykhalov & Syunyaev 1980; Pringle 1981;
Goodman & Tan 2004). The criterion for stability given by
the Toomre parameter Q ∼ csΩ/(πGΣ), where Ω is the Ke-
plerian velocity and Σ the gas surface density, provides the
radius Rsg below which the accretion disc is stable. For the
standard α-disc external region, where pressure is dominated
by the gas pressure and opacity is given by free-free transi-
tions (Shakura & Sunyaev 1973):
Rsg
RBH
≃ 5× 102α
28/45
t,01 M
−52/45
BH,8
(
ǫr,01
χ
)22/45
, (10)
and the mass stable against fragmentation is (see Dotti et al.
2013)
Msg ≃ 6× 10
5α
−1/45
t,01 M
34/45
BH,8
(
χ
ǫr,01
)4/45
M⊙ . (11)
We include the effects of self-gravity when Rsg < Rwarp. In
this case, the outer region of the disc is subject to fragmen-
tation, while the central region as a whole aligns (or anti-
aligns) in the equatorial plane of the BH. Then, the AM
accreted onto the BH is the form of equation (9) with Rwarp
andMd(Rwarp) replaced by Rsg andMsg respectively. Thus,
we repeat the same steps as for the non self-gravitating
case for the alignment (anti-alignment) criterion with the
AM calculated with Rsg and Msg. In contrast to King et al.
(2008), who assume that self-gravity causes chaos in the AM
distribution, we argue that the accreted gas conserves the
AM direction it possessed when entering the accretion flow,
which is the direction measured from the simulation by defi-
nition. As a final note, the effects of self-gravity become im-
portant when Rsg < Rwarp, and through Eq. (7) and (10),
the critical BH mass above which the BH cannot stabilise
anymore the disc against fragmentation is:
MBH,8 > 1.15 a
− 225
461
(
ǫr,01
χ
) 86
461
(
ν2/ν1
85
) 225
461
α
404
461
t,01 . (12)
Similar expressions hold when using the middle re-
gion solutions for the α-disc (where pressure is
dominated by the gas pressure and opacity by elec-
tron scattering Shakura & Sunyaev 1973). In this
case Rsg/RBH ≃ 10
3α
14/27
t,01 M
−26/27
BH,8 (ǫr,01/χ)
8/27
and the radius where self-gravity truncates the
disc becomes smaller than the warp radius when
MBH,8 > 2.23 a
− 135
269 (ǫr,01/χ)
10
269 [(ν2/ν1)/85]
135
269 α
220
269
t,01 .
Our implementation is based on analytical studies, as
we cannot self-consistently include an accretion disc (on
milli-pc scales) in a galaxy formation simulation. Regard-
ing numerical studies of BH spin-disc alignment we recall
that Fragile & Anninos (2005), Fragile et al. (2007), and
Dexter & Fragile (2011) find no alignment in their three-
dimensional general relativistic magnetohydrodynamic sim-
ulations of relatively thick, low-accretion rate tilted discs,
where however alignment is not expected to occur, as the
typical accretion rate is sufficiently low that alignment would
not occur in a Hubble time (Dexter & Fragile 2011). Re-
cently Sorathia et al. (2013) study the alignment process in
magnetohydrodynamic simulations of relatively thin disks
and find instead that the BH and the disc progressively
align, inside-out. While, at the time being, it is not trivial to
derive an analytical description of their simulations accurate
enough to be explicitly included in our simulations, we use
an extrapolation of their order-of-magnitude estimates to
obtain, in turn, a qualitative validation of our methodology.
We consider their suggestion that the inclination transition
radius (roughly analogue to what we call warp radius here)
can be expressed as RT ∼ 0.5Φa
2/3(H/RT)
−4/3RBH, where
1 < Φ < α−2/3 and (H/RT) is the disc aspect ratio. We also
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assume that the alignment timescale is of order the align-
ment propagation radius at RT (Eq. 13 in Sorathia et al.
2013). Assuming the middle region solutions for the α-
disc we find an upper limit to the alignment timescale of
∼ 105a7/8M
11/8
8 α
−15/4
(
χ
ǫr,01
)−3/4
Φ45/16 yr by minimising
the propagation rate of the alignment front. While this align-
ment timescale is very similar to our previous estimates and
with the implementation in ramses, since the estimate we
obtain is approximate, we discuss in Appendix C how our
results would be modified if the alignment timescale is much
longer than these estimates suggest.
The change of spin during BH coalescence is tracked
in our simulations (see paper III for details). However, there
are no BH-BH mergers in our zoom cosmological simulation:
a few BHs are identified within 10 per cent of the halo virial
radius (typically the size extent of the galaxy), but none are
close enough to merge as one BH.
3.2 Updating spins
We assume that the initial spin of BHs is zero at creation. We
further assume that the thin disc solution for spin evolution
applies at any accretion rate over Eddington χ. It seems to
be a fairly good approximation as BH spins mostly change
their value by accretion during strong accretion events (of
the order of χ . 1). The maximum spin value that we au-
thorise is amax = 0.998, due to the capture by the cen-
tral BH of radiated photons emitted from the accretion
disc (Thorne 1974). In the case of thick discs, however, we
note that (Gammie et al. 2004) find in their numerical sim-
ulations that amax ∼ 0.9 − 0.93, taking into account the
magneto-hydrodynamical effects on the transfer of gas AM,
while Sa¸dowski et al. (2011) suggest that super-critical ac-
cretion discs allow a maximal spin up to amax = 0.9994 in
low-viscosity, αt = 0.01, accretion discs.
As we treat the spin evolution on-the-fly, radiative effi-
ciencies, and, thus, Eddington accretion rate and bolometric
luminosities vary with the amplitude of the BH spin. Also,
the jet of the radio mode of AGN feedback is launched along
the spin axis of the BH.
4 RESULTS
4.1 The isolated galaxy
4.1.1 Evaporation of the dense star-forming gas
Fig. 1 shows the star formation rate (SFR) of the isolated
galaxy over 1Gyr of evolution. The SFR is bursty with
peaks of SFR larger than 50M⊙ yr
−1, and with an aver-
age value around 20 − 30M⊙ yr
−1. Note that the global
behaviour of the SFR is to first increase until ∼ 500Myr
and decrease afterwards, which a generic result of the ac-
cretion rate on a galaxy from gas in a halo with an NFW
profile (Dubois & Teyssier 2008). The large oscillations ob-
served are due to the self-regulation of the cold star-forming
gas in the ISM by SNe explosions (Teyssier et al. 2013).
Here the peaks of the SFR are dominated by the activity
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Figure 1. Isolated galaxy simulation. Top panel : Total stellar
mass (black), stellar mass within r 6 500 pc around the centre
of the simulation box (red), disc (total minus bulge in blue), and
104 times the BH mass (orange) as a function of time. The initial
seed BH mass (×104) growing at half the Eddington rate of a
maximum spinning BH (ǫr = 0.32) is represented by the orange
dashed line. Bottom panel : Star formation rate as a function of
time for the entire galaxy (black), for the stars within the bulge
r 6 500 pc (red), and within the disc (blue). The SFR in the bulge
shows large variations due to the regular outflows produced by
SN explosions, while the SFR is more steady in the disc. The BH
grows in synchronisation with the peaks of the bulge SFR.
Figure 2. Isolated galaxy simulation. Edge-on view of the gas
density of the galaxy at t = 250 Myr (left) and t = 1000 Myr
(right). Image size is 5 kpc. The colour table is from 0.1H cm−3
(blue) to 104Hcm−3 (red). The blue contours surround the re-
gions of star formation with gas density above 250H cm−3. At
early times, the strong activity of star formation produces large-
scale outflows that rise up to 5 kpc above the disc and fall back
into a galactic fountain. At late times, the more quiescent activity
leads to the formation of hot bubbles of a few 100 pc size.
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Figure 3. Isolated galaxy simulation. Time sequence of the gas density seen face-on at t = 610 Myr from top left to bottom right, each
snapshot is separated by 2 Myr. Image size is 5 kpc. This time sequence highlights the short-lived nature of small-scale substructures
in the ISM. The colour table is from 0.1H cm−3 (blue) to 104 Hcm−3 (red). The blue contours surround the regions of star formation
with gas density above 250H cm−3. Note the decrease in the gas density in the bulge of the galaxy. Two gas clumps are identified in the
outskirts of the galaxy (black and red circles), which are destroyed by the SN explosions.
within the bulge2, r 6 500 pc, of the galaxy, while the aver-
age level of the SFR corresponds to the SFR in the disc of
the galaxy within cold dense clumps. During the beginning
of the collapse of the halo t 6 400Myr, several galactic out-
flows develop up to 5 − 10 kpc distance above the plane of
the disc (see top panel of Fig. 2). However, due to the strong
pressure confinement exerted by the ram-pressure of the hot
infalling gas, the outflowing gas is maintained within that re-
gion and falls back onto the galaxy in a cycle of galactic foun-
tain (Dubois & Teyssier 2008). Later on, after t > 400Myr,
when the activity of the SFR has decreased, small SNe bub-
bles rise a few hundred parsecs above the disc plane similar
to what is observed in our own Milky Way disc (see bottom
panel of Fig. 2).
In the disc, SFR and, thus, SNe feedback, are strongly
clustered in small star-forming regions, where gas reaches
densities above 250H cm−3, and, in turn, strong localized
feedback periodically disrupts the cold clumps of gas that
are the nursery of stars. This behaviour is illustrated in
2 Hereafter we denote indistinguishably the bulge and the central
500 pc region of the galaxy, which for an exponentially-decreasing
spherically-symmetric profile with 200 pc scale radius (the value
at t = 1 Gyr) corresponds to the radius that contains 50 per cent
of the mass.
Fig. 3 with a time sequence of the gas density in the disc
where two dense clumps of gas are pinpointed. After a typ-
ical time of tSN = 10Myr that corresponds to the average
time for type II SNe to explode after the formation of the
stellar particle, the whole clump is dispersed into the diffuse
ISM. Such clustered explosions naturally force the contin-
uous driving of turbulence and the mixing of the various,
hot/diffuse and cold/dense, phases of the ISM. The same
process happens in the bulge region where the star-forming
gas is more extended. The gas component is in the form of
a compact disc exhibiting small spiral arms and after some
time the whole region is dispersed by the heating of SNe
feedback, increasing turbulence and therefore the overall ve-
locity dispersion of the gas.
We recall that the formation and rapid destruction
of large-density clumps is the direct consequence of the
adopted scheme for SNe feedback using delayed cooling. This
implementation is designed to affect the formation of such
regions without radiating any of the thermal energy up to
the point where the blast wave has propagated over a Jeans
length. Less efficient SN feedback implementations such as
the one from Dubois & Teyssier (2008) allow for the long
term survival of such clumps, and the consequences on the
central BH growth is investigated in detail in paper I.
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Figure 4. Isolated galaxy simulation. BH spin (black), vertical
component of the BH AM (blue) and of the accreted gas AM (red)
as a function of time over the whole run. The BH spin magnitude
is always very large due to synchronisation between the BH spin
direction and that of accreted gas AM during the phases of rapid
growth, driven by cold, rotationally supported gas.
4.1.2 Evolution of the BH mass and spin
Now that we have shown how SNe feedback alone is able
to constantly reprocess the cold gas material in the ISM,
we can investigate the growing mode of the central BH and
in particular the evolution of its spin with respect to the
accretion and gas dynamics.
Fig. 1 shows the evolution of the BH mass with time.
The BH starts with an initial seed mass of 104M⊙ and
grows up to MBH ≃ 3 × 10
5M⊙ after 1Gyr. There is no
self-regulation (except after tend > 800 Myr), thus the BH
growth is limited at the Eddington rate. However as the
spin magnitude is of the order of 1, the radiative efficiency
is ǫr ≃ 0.32 instead of 0.1 as usually assumed from the Soltan
argument, and the Eddington accretion rate is decreased by
a factor 3. Also the BH grows in an episodic fashion due to
SN explosions with periods limited by Eddington and pe-
riods with almost zero gas accretion: both periods having
a similar time duration. Therefore, we can simply multiply
the Salpeter (tSalp = ǫrσT c/(4πGmp) = 0.045(ǫr/0.1) Gyr)
time-scale by a factor 2 when comparing the analytical
growth to the simulated one. The power law behaviour
can be readily understood as M(t) = M0 exp(t/τ ) where
τ = 2 × tsalp, scaled appropriately for the problem, i.e., in
this case increased by a factor of three because of the radia-
tive efficiency (ǫr = 0.32), and multiplied by a factor of two
because of the intermittent accretion, effectively halving the
time a BH is accreting.
The spin evolution of the BH in Fig. 4 does not show
any large variation. The value of the spin is always above
|a| > 0.9 after the first e-folding time-scale of the BH growth.
We see some variations of the order of δa = 0.1 but, soon
after, accretion is strong enough to rapidly re-align gas and
BH spin, and bring the spin of the BH back to |a| > 0.9.
Recall that if accretion is completely random in terms of
AM direction (and constant in accretion rate), the spin of
the BH would be close to zero as a BH gets spun down faster
than it is spun up. Conversely, if accretion is coherent in AM
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Figure 5. Isolated galaxy simulation. Top panel : Spin as a func-
tion of time. Middle panel : BH spin (black), vertical component
of the BH AM (blue) and of the accreted gas AM (red) as a func-
tion of time. Bottom panel : BH accretion rate (solid), SFR within
the r < 500 pc bulge of the galaxy (dashed, in 105M⊙ yr−1 units)
as a function of time for 200 Myr of evolution, to highlight the
short-term variability.
direction, or at least has some level of coherence (Dotti et al.
2013), the BH keeps very high spin values.
The reason for this large value of the BH spin has to do
with both the orientation of the gas in the surroundings and
the synchronisation with events of strong accretion driven
by cold and dense gas. The blue curve of Fig. 4 shows that
the direction of the BH AM is always pointing towards the
vertical direction and is, thus, well aligned with the galactic
AM. The red curve shows instead the z-direction of the AM
of the gas accreted onto the BH (red curve in Fig. 4). Dur-
ing the galactic fountain phase (< 400 Myr), this direction
can be rapidly changing, while at a later stage, when the
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Figure 6. Rotational velocity (black) and vertical velocity dis-
persion (red) of the dense gas as a function of cylindrical radius at
two different times t = 612Myr when the BH accretes at Edding-
ton (solid line) and at t = 620Myr when the accretion rate on
the BH becomes negligible (dashed line). These times correspond
to the top right and bottom right images of Fig. 3 respectively.
Low accretion onto the BH happens when the velocity dispersion
of the gas close to the BH increases. In phases of strong gas ac-
cretion, coherent gas rotation dominates over random motions in
the gas.
galactic fountain is replaced by low-rising bubbles, the gas
AM realigns with the vertical direction of the disc.
If the direction of the accreted gas AM is quickly chang-
ing in the galactic fountain phase, why is the BH spin
unaffected? A careful inspection of such “chaotic” events
is shown in Fig. 5. Some time intervals with opposite ac-
creted gas AM and BH AM are clearly identified, such as
at 245 < t < 285Myr, and should, in principle, decrease
the BH spin. However, this prolonged chaotic period is also
synchronised with a period of extremely low accretion rate
onto the BH, M˙BH ≪ M˙Edd, so that the BH does not ac-
crete enough gas to decrease durably and significantly its
spin amplitude. Vice versa, prolonged high-accretion rates
onto the BH, M˙BH ∼ M˙Edd, correspond to accreted gas AM
aligned with both the BH AM and the galactic disc (with
the vertical axis). The sustained BH accretion events are
driven by the replenishing of the cold, dense gas reservoir
in the bulge of the galactic disc, which is also synchronised
with the peak of the SFR, and in that case the whole central
region co-rotates with the galactic disc.
The BH grows for the most part accreting smooth
gas rather than clumps. The accretion of clumps is lim-
ited because these clumps have extremely short life-times
(∼ 10Myr) and most of them can not reach the bulge be-
fore being destroyed by SNe. In the case where clumps are
more long-lived, the situation could be different. This alter-
native scenario has been tested in Appendix A of Dubois
et al. (2013), and is reproduced in the Appendix B of the
current paper, with inefficient SNe feedback (long-lived star-
forming clouds), and we found that even though the BH can
grow by the capture of gas clumps (especially at late times),
the gas AM of the accreted clumps is typically well-aligned
with that of the underlying gas disc.
In Fig. 6 we show the vertical velocity dispersion of
the dense gas with n > 1H cm−3 at two different times
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Figure 7. Seth cosmological zoom simulation. Spin magnitude
versus mass for the BH of the central most massive galaxy. Dif-
ferent values of redshift are indicated with diamonds. The spin
grows to its maximum value at z ∼ 3, and then remains above
0.7.
when the BH accretes at Eddington corresponding to the top
right panel of Fig. 3, and when the accretion drops below
10−3M˙Edd corresponding to the bottom right panel. The
gas velocity dispersion and rotational velocity in the central
region, very close to the BH, are of comparable value, with
150 kms−1 for the rotational velocity, and 40 and 70 kms−1
for the velocity dispersion respectively before and while the
gas is blown away from the centre due to SNe energy release.
Outside the very centre, the gas rotational velocity increases
up to vrot ≃ 250 km s
−1 and the gas velocity dispersion goes
to σz ≃ 50 kms
−1. We also clearly see the effect of the SNe
energy release in the velocity patterns, both in the rotation
of the gas and in the velocity dispersion in the 50 < rcyl <
500 pc radius range: SNe explosions temporarily increase the
velocity dispersion of the gas, while they reduce the velocity
rotation. The fact that the gas velocity dispersion does not
overwhelm the gas motion near the BH explains why the
BH spin keeps very large values and is consistently pointing
towards the same direction, which is the one of the gas AM
around the BH.
4.2 The Seth simulation: a cosmological
laboratory for BH spin evolution
As discussed in Paper I, the resolution employed in Seth
allows us to resolve the multiphase structure of the galaxy
with star-forming clumps of dense cold gas, hotter diffuse
gas. At relatively late cosmic times, z < 3.5, it also allows
us to identify the formation of a razor thin disc of stars,
a hotter and thicker disc of stars, and old clusters of stars
flying around the galactic disc. At earlier epochs though,
the galaxy’s disc has not settled, as the gas is constantly
stirred and reprocessed by the efficient feedback from SNe.
The gravitational potential of the galaxy and of the host
halo is not deep enough to prevent the galactic wind from
escaping and gas rarely condenses in the central region close
to the BH. Above z > 3.5 the growth of the BH is very slow,
as shown in Fig. 7: BH growth is delayed and the mass of
the BH only increases by a factor 2. When galaxy and halo
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Figure 9. Seth cosmological zoom simulation. Projected gas density at different redshifts illustrating the merger of one gas-rich satellite
with the central galaxy. The colour table is from 10−3 Hcm−3 (blue) to 102 Hcm−3 (red). The virial radius of the underlying dark
matter halo is ≃ 50 kpc. Some dense filamentary gas is stripped out during the head-on collision and falls back onto the galaxy.
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Figure 8. Seth cosmological zoom simulation. Magnitude of the
BH spin (black), x-component of the gas AM within 500 pc (red)
of the BH spin (blue) and of the stars within the galaxy (cyan) as a
function of time and redshift. The light grey line is for the Seth
low-resolution simulation with ∆x = 40 pc. At early stages (∼
1.5Gyr), the gas behaviour is chaotic and shows large fluctuations
of the AM direction. At later times, gas settles in the galaxy
and there is a strong persistent correlation between the BH spin,
the gas AM and that of the stars in the galaxy, which leads to
relatively high spin values.
have grown sufficiently, their gravitational potential is able
to retain the gas affected by SN feedback and a gaseous disc
finally forms (around z ∼ 3.5). Cold gas starts to accumu-
late within the central region around the BH. Since this gas
originates from the recently settled disc, the AM of the gas
that feeds the BH tends to have a coherent AM direction.
Fig. 8 shows that above z > 3.5 (before t < 1.8Gyr)
the magnitude of the BH spin is initially constant over long
timescales, while the accretion rate on the BH is small, and
spin changes only when a gas clump approaches. In this
phase the gas AM in the central region (500 pc) is ran-
domly oriented because SNe explosions easily eject gas out
of the galaxy, precluding the settling of a persistent gas disc.
The accreted gas AM - not represented in Fig. 8 - shows an
even more chaotic behaviour early on, with sudden varia-
tions from one coarse time step to another. Once the gas in
the galaxy starts to settle in a rotationally supported disc
(below z < 3.5), because SNe become unable to eject gas out
of the galaxy, the BH spin starts increasing, until it reaches
its maximum magnitude at z ∼ 3. Meanwhile, the accreted
gas AM becomes coherent in time and well aligned with the
BH spin direction and that of the AM of the galaxy (defined
here as the AM of the stars).
Several external perturbations caused by satellites fly-
ing around the halo are observed at any redshift. There
is one particular event where a gas-rich merger produces
a large ejection of gas from the central galaxy into the
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Figure 10. Seth cosmological zoom simulation. Top panel : Ab-
solute value of the BH spin versus redshift (black), x-component
of the accreted gas AM (instantaneous in orange and smoothed in
red), of the spin (blue) and of the stars within the galaxy (cyan).
Bottom panel : BH mass accretion rate (solid) and SFR/105M⊙
(dashed). Eddington-limited accretion episodes are synchronous
with a strong correlation between the directions of the accreted
gas AM, the BH spin and the galactic AM.
circum-galactic medium (Fig. 9). A gas-rich satellite galaxy
at z = 3.44 collides with the central one head-on, passing
through the galactic disc and stripping gas. When this cold
(a few 104K) moderately-dense (a few 0.1H cm−3) gas falls
back onto the galaxy, it is misaligned with the original gas
AM. When this gas reaches the BH, it triggers accretion of
counter-rotating material and the spin magnitude decreases
as shown in Fig. 10 at z = 3.15.
Towards the end of the simulation, t = 2.65Gyr (z =
2.5), the accreted gas AM suddenly counter-rotates with re-
spect to both the BH spin and stellar AM. This is caused
by a large-scale cold gas filament which swaps sides in its
connection to the galaxy, all of a sudden providing its AM
in the opposite direction (an effect already outlined in
Tillson et al. 2012). This event decreases the spin ampli-
tude, but the direction of the BH spin eventually re-aligns
with the direction of the gas AM before the spin down pro-
cess is completed (Dotti et al. 2013). Note that the result
is not extremely sensitive to a change in spatial resolution:
for the Seth simulation with ∆x = 40pc resolution the BH
spin grows slowly to large values at early times, and keeps
a value close to 1 when the disc is settled, while gas-rich
mergers and counter-rotating cosmic filamentary accretion
are decreasing the value of the spin at almost the same po-
sitions in time (see Fig. 8).
As for the isolated galaxy simulation, the BH growth
is episodic with short bursts of accretion at or close to
the Eddington limit, followed by periods of negligible ac-
cretion (M˙BH < 10
−3M⊙) as we can observe in Fig. 10. The
Eddington-limited accretion events are synchronous with
the peaks of the star formation rate in the galaxy and, in
particular, with the peaks of the SFR in the bulge, when
cold dense gas is present around the BH.
The same figure (Fig. 10) also displays the direction of
the BH spin, accreted gas and galaxy AM with respect to a
fixed reference frame. They are all very coherent over time,
all pointing towards the same direction and with very little
variation. The direction of the accreted gas AM is on average
pointing in the same direction during long extended period
of times (red curve), while it instantaneously swings because
of the efficient feedback produced by local SN explosions.
However, since these explosions inject energy in the cold,
dense gas, transforming it into diffuse and hot material, ac-
cretion onto the BH drops to extremely low values and these
chaotic periods cannot effectively spin down the BH. Note
also the slight drift of the galaxy AM (stellar component)
over time which is the result of smooth torques exerted by
the external perturbations (cold streams, diffuse accretion
of gas, minor mergers), while at some very specific moments
the spin of the galaxy changes due to more significant merg-
ers (e.g. at z = 5.9 and z = 4.3, see Fig. 8).
The direction of jets is not always observed to be
aligned with the galaxy plane and can exhibit sharp bends
(see Battye & Browne 2009 and Browne & Battye 2010).
This is in apparent contradiction with our simulations where
BH spins tend to align with that of the galaxy at high
redshift. However, the orientation of jets is not necessarily
aligned with BH spins because the multiphase structure of
the ISM can eventually jerk the jet on larger scales. More-
over, mergers in gas-poor galaxies are responsible for mis-
aligning the orientation of the BH spin with that of the host
galaxy (see paper III).
5 CAVEATS
The Bondi-Hoyle radius RBondi = GMBH/c
2
s is under cer-
tain circumstances resolved in our simulation. For a typical
MBH = 10
6M⊙ BH in a gas with temperature 10
4K, the cor-
responding Bondi radius is 40 pc (4 pc if MBH = 10
5M⊙).
Therefore, when the BH is in dense and cold gas, the Bondi
radius is resolved and leads to Eddington-limited phases.
However, when the gas temperature increases because of
a SN feedback episode or due to central BH feedback,
the Bondi radius becomes under-resolved. The latter cor-
responds to phases with low accretion rate, probably with
a value which is not exactly the one that we might obtain
by resolving the Bondi radius, though the accretion ration
would remain low (much lower than Eddington) because of
the removal of the dense gas by feedback.
The sub-grid model for the feedback from the cen-
tral AGN assumes that the BH produces thermal blast
waves in the quasar mode. It is a crude approxima-
tion to the real feedback from a thin disc accretion disc,
which should produce photons and a spherical wind that
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would propagate to larger-scales. Detailed simulations have
shown that the accretion on the central BH becomes
episodic once radiation transport in dense environment
is included (Milosavljevic´ et al. 2009; Park & Ricotti 2011,
2012). However, these simulations assume a uniform back-
ground, and a more realistic geometrical configuration of the
flow would probably help the photons to propagate along the
path of least resistance without affecting the bulk of the gas
accretion.
Though our resolution tests do not indicate that the
AM on small-scales (∼ 10 pc) violently de-correlates with
that on large galaxy scales ( >∼ 100 pc) as we increase the
resolution, there is still some unresolved turbulence down
to the disc gravitational radius that remains to be resolved.
The gas continues to lose AM below ∼ 10 pc scales (e.g.
Wise et al. 2008; Regan et al. 2014), but it is still unclear
wether this loss of amplitude goes along with a loss of co-
herence of the direction of the flow and if such a loss of
coherence is maintained for sufficiently long times.
6 CONCLUSIONS AND DISCUSSION
By means of high-resolution hydrodynamical simulations,
we have followed the SN driven reprocessing of cold star-
forming gas into a hot diffuse interstellar medium and its
effect on the evolution of the spin of central supermassive
BH. All these physical quantities were evolved on-the-fly in
a self-consistent manner. The turbulence induced by stellar
feedback is described by ‘maximal’ model, to highlight its
impact on the AM of the gas accreted by the BH. With
two different kinds of initial conditions: an isolated collaps-
ing halo and a zoomed cosmological halo evolved for several
hundreds of Myrs, we reach similar conclusions. SN-driven
turbulence does not contribute to randomising the AM of
the gas effectively accreted by the BH. This is because the
BH grows in mass by accreting cold, dense gas, which tends
to reside in a rotationally supported disc. The gas made
turbulent by SN energy injection is instead hot and diffuse
and hardly contributes to the BH evolution. The accretion
of the cold star-forming gas onto the central BH adds con-
structively in terms of AM, and over time increases the BH
spin to high values even though the turbulence in the ISM
is as large as 50 km s−1.
When SN feedback activity is at minimum, the mass
growth of the BH and its spin evolution are driven by
Eddington-limited phases where the gas around the BH is
dense and its rotation is imposed by the global rotation of
the galactic disc. The phases of random chaotic accretion
that could efficiently lower the BH spin are synchronous
with periods of SNe explosions that quench the accretion
rate onto the BH by creating low-density and hot expand-
ing bubbles.
The cosmological perturbations induced by galaxy
mergers and cold filaments can significantly alter the AM
of gas in the galaxy and the accretion flow on the BH, reori-
ent the direction of the spin, and lower its value. However,
these events are sufficiently rare and short in duration, even
at high redshift, that the BH spin rapidly returns to its
steady-state, maximal value through accretion of this fresh
ISM gas.
The large values of the spin measured in these simu-
lations for gas-rich galaxies have potentially severe conse-
quences on the growth of high-redshift supermassive BH as
observed in the SDSS (e.g. Fan & et al., 2006). Indeed, the
characteristic time-scale for the growth of BH is inversely
proportional to the radiative efficiency of the accretion pro-
cess, which, for radiatively efficient accretion discs, is an
increasing function of the BH spin. For a radiative effi-
ciency of ǫr = 0.1, a value commonly used in cosmologi-
cal simulations (Sijacki et al. 2007; Di Matteo et al. 2008;
Booth & Schaye 2009; Dubois et al. 2012) and in agreement
with Soltan’s argument, the e-folding Salpeter time is tsalp =
45Myr, meaning that BH can grow as large as 109M⊙ within
1Gyr (z = 6) even when starting from large stellar seed
mass values (102 − 103M⊙). For BH spinning with values
a = 0.998 as in our simulations, the radiative efficiency and
the Salpeter time become ǫr = 0.32 and tsalp = 135Myr.
Thus, a maximally spinning BH cannot reach 109M⊙ in less
than a Gyr if its accretion is Eddington-limited. One sim-
ple way to solve this apparent mismatch is that BH grow at
super-Eddington rates (e.g., Volonteri & Rees 2005). Super-
Eddington accretion alleviates the time-scale constraint pro-
vided that there is enough gas in the very centre of galaxies
early on, which seems to be the case (Dubois et al. 2012).
At the same time, in radiatively inefficient super-Eddington
accretion discs (e.g., slim discs, but note that this is true for
the case of very sub-Eddington flows as well) there is no ex-
pectation that the radiative efficiency strongly depends on
BH spin, at variance with mildly sub-Eddington radiatively
efficient discs, such as Shakura-Sunyaev discs.
This study of BH spin evolution in a realistic hydrody-
namical cosmological environment is a first step towards fu-
ture more resolved and more realistic simulations (including
radiation from BHs and from stars, for instance), and more
systematic studies by varying halo mass and halo histories
for which the level of turbulence in the ISM and its coher-
ence on large galactic scales could differ by large amounts
(e.g. in discs, ellipticals, clumpy high-redshift galaxies).
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APPENDIX A: RESOLUTION STUDY
In this section, we test how the results depend on the simula-
tions’ resolution, by changing the minimum cell size (max-
imum level of refinement) in the isolated galaxy run. We
performed three simulations at lower resolution ∆x = 20, 40
and 80 pc. In the three additional runs the density threshold
for star formation in the polytropic EoS, n0 = 62.5, 15.5 and
4H cm−3, and the dissipation time-scale of the non-thermal
component for SNe feedback tdiss = 0.95, 2.41 and 4.82Myr
scale with the resolution. These parameters are calibrated
to keep the propagation length of the blast wave constant in
number of resolution elements (λJeans = 4∆x) for explosions
occurring at n = n0.
Projections of the face-on and edge-on gas densities are
shown in Fig. A1 after 800 Myr of evolution. As expected,
the small-scale structure of the ISM is smoothed out with
decreasing resolution. Large-scale features such as gas con-
centrations in the central region, spiral arms of gas and 100
pc SNe-driven bubble are however observed in all four runs
with different resolutions. The consequence is that the aver-
age star formation rates are similar < SFR >≃ 20M⊙ yr
−1
but the bursts appear at different times and with different
amplitudes (left panel of Fig. A2). As the details of star
formation change, the fuelling of the central BH differ and
the central supermassive BH has a slightly different mass
growth and spin evolution. However, the final BH masses
end up with similar values between 1-3 × 106M⊙ (middle
panel of Fig. A2) and similar values of the spin are observed
in all runs, with |a| >∼ 0.8 (right panel of Fig. A2). This reso-
lution study shows that BHs grow at about Eddington with
large spin values independently of how much the multiphase
structure of the ISM is resolved.
APPENDIX B: A DIFFERENT MODELING OF
SUPERNOVA FEEDBACK
In this Appendix, we present the result of the isolated galaxy
simulation with ∆x = 10 pc and a different scheme for SN
feedback described in Dubois & Teyssier (2008). This feed-
back modelling is based on a kinetic approach where mass,
momentum and energy are released in the immediate vicin-
ity of the exploding stellar particle, and cooling takes place
everywhere and at all times, i.e. independently of whether re-
cent explosions have occurred in a specific place or not. With
this approach, SN feedback becomes effective only in diffuse
regions of the ISM, as energy is quickly thermalised and ra-
diated away when the explosions take place in cold dense
clouds. As a consequence, star-forming clouds are long-lived
structures, until they consume all their gas into stars or are
captured by the central bulge. Tasker (2011) have shown
that amongst the large variety of star-forming clouds in
Toomre unstable discs, there are co- and counter-rotating
clumps (with a preference for co-rotating clumps).
Therefore, with that feedback implementation, the cold
gas feeds the central BH in a coherent fashion up to the
point where this BH gets massive enough to self-regulate and
blow away the gas in its immediate vicinity. Once the self-
regulated state is achieved, only the cold star-forming clouds
that manage to reach the very centre of the galaxy trig-
ger episodes of massive fuelling of the BH (Bournaud et al.
2011; Dubois et al. 2012, 2013,?; Gabor & Bournaud 2013;
Bournaud et al. 2014).
APPENDIX C: SPIN ALIGNMENT
TIMESCALES
The timescale over which BH spins align with the an-
gular momentum of the accretion flow, and its relation
to the accretion timescale have been the subject of a
long debate for decades (e.g., Bardeen & Petterson 1975;
Rees 1978; Papaloizou & Pringle 1983; Scheuer & Feiler
1996b; Natarajan & Pringle 1998; Nelson & Papaloizou
2000; Fragile & Anninos 2005; Fragile et al. 2007;
Dexter & Fragile 2011; Sorathia et al. 2013; Sorathia et al.
2013). In this Appendix we explore the consequences of
alignment timescales longer than assumed in the main
article, and we test how sensitive the results are to the
accretion rate behaviour and its synchronisation with gas
cooling. We analyse the isolated galaxy run, and we post-
process the relative BH alignment and spin magnitude,
considering as input the direction of the accreted gas
angular momentum, and the accretion rate. This analysis
is therefore simplified with respect to the main text, where
spin is tracked on-the-fly, but allows us to highlight the
main dependences in a clear way.
In Figure C1 (left) we show the time evolution of the
BH spin, angle of the BH spin vector and of the inflow angu-
lar momentum with respect to the z-axis, and accretion rate
for the first 400 Myr of the galaxy evolution (the “galac-
tic fountain” phase, cf. Fig. 2). As discussed in the main
text, high-accretion rates are synchronised with gas cooling
and formation of a central rotationally-supported structure,
and this is apparent when comparing the two bottom pan-
els. The top two panels show spin magnitude and direction.
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Figure A1. Face-on views (top panels) and edge-on views (bottom panels) of the gas density of the galaxy at t = 800 Myr for different
resolutions ∆x = 10 pc (left columns), ∆x = 20 pc (middle left columns), ∆x = 40 pc (middle right columns), ∆x = 80 pc (right
columns). The same color scaling is applied for all images and images are 10 kpc wide.
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Figure A2. Star formation rate (left panel), BH mass (middle panel) and spin (right panel) as a function of time for different spatial
resolutions 10, 20, 40 and 80 pc for the isolated halo initial conditions.
The black solid curves assume fast alignment, while the red
dashed curves show a case with slower alignment (ν2 = ν1).
One can notice the different behaviour of the spin direction
with time, but the spin magnitude is hardly modified. This
is because in the phases of maximum chaos the accretion
rate on the BH is low, and therefore the spin magnitude is
not affected. In Figure C1 (right) we perform an additional
test, where we artificially set the accretion rate to 10 per
cent of the Eddington rate at all times, while keeping the
information on the direction of the inflow (the third panel
from top is the same in both plots). In this experiment, we
can assess the effect of prolonged phases of chaotic accre-
tion at high rates (which do not occur in our simulations,
due to the synchronisation between cooling, disc formation
and BH feeding). Here, in the case of fast alignment (black
solid curves) we see that the most chaotic phases of accre-
tion give rise to occasional counter-rotating accretion (e.g.,
between 250 and 300 Myr) that decrease the spin magni-
tude. We extend this plot to 600 Myr, where the galaxy
reaches a more quiescent regime (“hot bubbles” phase), and
a “secular” evolution of the angular momentum direction
is reached. By this time, regardless of the assumptions on
alignment timescales, the BH spin reaches a steady state at
high values.
In conclusion, the alignment timescale is secondary to
the dynamics of accretion in determining the BH spin mag-
nitude evolution. However, it is the main driver of how fast
the spin direction changes, regardless of the accretion rate.
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Figure C1. Evolution of BH properties in the isolated galaxy run as a function of time. Left panel : we post-process the relative BH
alignment and spin magnitude, considering as input the direction of the accreted gas angular momentum and the accretion rate. Right
panel : the accretion rate is set to 10 per cent of the Eddington rate. The black solid curves track spin magnitude and direction assuming
fast spin alignment; the red dashed curves assume instead slow spin alignment.
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